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2.3 Parametrisation of Binding Energies

Apart from the lightest elements, the binding energy per nucleon for most nuclei is
about 8–9MeV. Depending only weakly on the mass number, it can be described
with the help of just a few parameters. The parametrisation of nuclear masses as
a function of A and Z, which is known as the Weizsäcker formula or the semi-
empirical mass formula, was first introduced in 1935 [3, 7]. It allows the calculation
of the binding energy according to (2.2). The mass of an atom with Z protons and N
neutrons is given by the following phenomenological formula:

M.A;Z/ D NMn C ZMp C Zme ! avAC asA2=3

C ac
Z2

A1=3
C aa

.N ! Z/2

4A
C ı

A1=2
(2.8)

with N D A ! Z :

The exact values of the parameters av, as, ac, aa and ı depend on the range of
masses for which they are optimised. One possible set of parameters is given below:

av D 15:67MeV=c2

as D 17:23MeV=c2

ac D 0:714MeV=c2

aa D 93:15MeV=c2

ı D

8
<

:

!11:2 MeV=c2 for even Z and N (even-even nuclei)
0 MeV=c2 for odd A (odd-even nuclei)

C11:2 MeV=c2 for odd Z and N (odd-odd nuclei).

To a great extent the mass of an atom is given by the sum of the masses of
its constituents (protons, neutrons and electrons). The nuclear binding responsible
for the deviation from this sum is reflected in five additional terms. The physical
meaning of these five terms can be understood by recalling that the nuclear radius R
and mass number A are connected by the relation

R / A1=3 : (2.9)

The experimental proof of this relation and a quantitative determination of the
coefficient of proportionality will be discussed in Sect. 5.4. The individual terms
can be interpreted as follows:

Volume term This term, which dominates the binding energy, is proportional to the
number of nucleons. Each nucleon in the interior of a (large) nucleus contributes an
energy of about 16MeV. From this we deduce that the nuclear force has a short
range, corresponding approximately to the distance between two nucleons. This
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phenomenon is called saturation. If each nucleon would interact with each of the
other nucleons in the nucleus, the total binding energy would be proportional to
A.A ! 1/ or approximately to A2. Due to saturation, the central density of nucleons
is the same for all nuclei, with few exceptions. The central density is

%0 " 0:17 nucleons=fm3 D 3 # 1017 kg/m3 : (2.10)

The average nuclear density, which can be deduced from the mass and radius
(see (5.56)), is smaller (0:13 nucleons/fm3). The average inter-nucleon distance in
the nucleus is about 1:8 fm.

Surface term For nucleons at the surface of the nucleus, which are surrounded
by fewer nucleons, the above binding energy is reduced. This contribution is
proportional to the surface area of the nucleus (R2 or A2=3).

Coulomb term The electrical repulsive force acting between the protons in the
nucleus further reduces the binding energy. This term is calculated to be

ECoulomb D
3

5

Z.Z ! 1/ ˛ „c
R

: (2.11)

This is approximately proportional to Z2=A1=3.

Asymmetry term As long as mass numbers are small, nuclei tend to have the
same number of protons and neutrons. Heavier nuclei accumulate more and more
neutrons, to partly compensate for the increasing Coulomb repulsion by increasing
the nuclear force. This creates an asymmetry in the number of neutrons and protons.
For, e.g., 208Pb it amounts to N ! Z D 44. The dependence of the nuclear force on
the surplus of neutrons is described by the asymmetry term .N ! Z/2=.4A/. This
shows that the symmetry decreases as the nuclear mass increases. We will further
discuss this point in Sect. 18.1. The dependence of the above terms on A is shown in
Fig. 2.5.

Pairing term A systematic study of nuclear masses shows that nuclei are more
stable when they have an even number of protons and/or neutrons. This observation
is interpreted as a coupling of protons and neutrons in pairs. The pairing energy
depends on the mass number, as the overlap of the wave functions of these nucleons
is smaller in larger nuclei. Empirically this is described by the term ı #A!1=2 in (2.8).

All in all, the global properties of the nuclear force are rather well described
by the mass formula (2.8). However, the details of nuclear structure which we will
discuss later (mainly in Chap. 18) are not accounted for by this formula.

The Weizsäcker formula is often mentioned in connection with the liquid drop
model. In fact, the formula is based on some properties known from liquid drops:
constant density, short-range forces, saturation, deformability and surface tension.
An essential difference, however, is found in the mean free path of the particles.
For molecules in liquid drops, this is far smaller than the size of the drop; but for
nucleons in the nucleus, it is large. Therefore, the nucleus has to be treated as a
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Fig. 2.5 The different contributions to the binding energy per nucleon versus mass number A. The
horizontal line at !16MeV represents the contribution of the volume energy. This is reduced by
the surface energy, the asymmetry energy and the Coulomb energy to the effective binding energy
of!8MeV (lower line). The contributions of the asymmetry and Coulomb terms increase rapidly
with A, while the contribution of the surface term decreases

quantum liquid, and not as a classical one. At low excitation energies, the nucleus
may be even more simply described as a Fermi gas; i.e., as a system of free particles
only weakly interacting with each other. This model will be discussed in more detail
in Sect. 18.1.

2.4 Charge Independence of the Nuclear Force and Isospin

Protons and neutrons not only have nearly equal masses, they also have similar
nuclear interactions. This is particularly visible in the study of mirror nuclei. Mirror
nuclei are pairs of isobars, in which the proton number of one of the nuclides equals
the neutron number of the other and vice versa.

Figure 2.6 shows the lowest energy levels of the mirror nuclei 146C8 and 14
8O6,

together with those of 147N7. The energy-level diagrams of 146C8 and
14
8O6 are very

similar with respect to the quantum numbers JP of the levels as well as with respect
to the distances between them. The small differences and the global shift of the
levels as a whole in 146C8, as compared to 148O6 can be explained by differences in the
Coulomb energy. Further examples of mirror nuclei will be discussed in Sect. 18.3
(Fig. 18.8). The energy levels of 146C8 and

14
8O6 are also found in the isobaric nucleus

14
7N7. Other states in 14

7N7 have no analogy in the two neighbouring nuclei. We
therefore can distinguish between triplet and singlet states.

These multiplets of states are reminiscent of the multiplets known from the
coupling of angular momenta (spins). The symmetry between protons and neutrons

From previous slides, we find that 
nuclear density is roughly constant, and 
hence the nuclear radius goes like A1/3

Central (saturation) density:

Average density:
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R = 1.22 fm . A1/3

Surface = 19 fm2 . A2/3
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Fermi gas model: 
how simple a model can you make ? 

Initial nucleon energy:  
Final nucleon energy:  

 
Energy transfer: 
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Fermi Gas
• Pauli exclusion principle: No two fermions (spin 1/2 particles) can be 

in the same quantum state
• Heisenberg uncertainty principle: Dp.Dx »  => two states are 

indistinguishable if they occupy the same “cell” dV.d3p = h3 in 
“phase space” (except for factor 2 because of spin degree of 
freedom) => for volume V and “momentum volume” d3p = 4πp2dp we 
find for the Number of states between p…p+dp:

• R = 1.22 fm . A1/3 => V = 7.6 fm3 . A => 
if we count p and n separately but assume equal number, n = ½ /7.6 fm3 => 
n1/3 = 0.404/fm
=> pf is approximately 250 MeV/c

dN = 2 V
h3 4π p2dp = V

π 2!3 p
2dp ⇒ Ntot =

V
π 2!3

pf
3

3
⇒ pf = ! 3π 2( )

1/3
n1/3; n = Ntot

V
; Ntot =

Mstar

0.001 kg
NA

2

h = 2π!
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IV. FERMI MOMENTA OF ALUMINIUM AND
IRON

The quasielastic scattering cross-section ratios between
some other heavy nuclei and the deuteron are also mea-
sured by CLAS Collaboration. Fig. 4 shows the cross-
section ratio between 27Al and deuteron as a function of
xB; And Fig. 5 shows the cross-section ratio between
56Fe and deuteron as a function of xB. By performing
the fits to the CLAS data within the model of Cauchy-
distribution peak (Eq. (6)), we have obtained the ratios
of quasielastic peak widths: �Al/�D = 2.0 ± 0.2 and
�Fe/�D = 2.1 ± 0.2. In Figs. 4 and 5, we see that
the Cauchy-distribution model describes the experimen-
tal data amazingly well, with the �2/ndf around 1 (see
Table II).

The full-width ratio is directly equal to the nuclear-
Fermi-momentum ratio. As we have determined the
Fermi momentum of the deuteron in the above section,
we can calculate the Fermi momentum of the heavy nu-
cleus with the obtained ratio of the Fermi momenta be-
tween the heavy nucleus and the deuteron. Based on
the results of the above fits with the Cauchy-distribution
model, we have determined the Fermi momenta of 27Al
and 56Fe, which are summarized in Table III and compa-
rable with the simple Fermi gas model calculations.

In a recent work [31], the Fermi momentum of 27Al
is estimated from the super scaling phenomenon around
 ⇠ 0. Our obtained Fermi momentum of aluminum nu-
cleus is obvious smaller than the value given by the super
scaling analysis [31], though the discrepancy between the
two values is within the uncertainty of our analysis. One
possible source for the discrepancy is that the electron
beam energies and Q2 are di↵erent for the data used in
the two analyses, which result in the di↵erent magni-
tudes of inelastic scattering contributions. Ignoring the
influence of inelastic scattering may introduce a sizeable
systematic uncertainties in our analysis. The other pos-
sible source for the discrepancy is the violation of super
scaling phenomenon.

TABLE III. Fermi Momenta of some nuclei determined in
this work. kF, exp. denotes the Fermi momentum given by
our analysis of the CLAS data. The errors are the statistical
errors only. kF, theo. denotes the Fermi momentum given by
the calculation from the Fermi gas model for the nucleus (see
Eq. (9)).

Nucleus kF, exp. (MeV/c) kF,theo. (MeV/c)
2H 116± 7 140

27Al 232± 27 226
56Fe 244± 28 231
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FIG. 4. The quasielastic cross-section ratio
��� d�A/A
d�D/2

��� of alu-

minium to deuteron as a function of the Bjorken variable xB.
The experimental data are taken from CLAS Collaboration
[24]. The dashed blue curve shows a fit to a model of the
assumption that the quasielastic peak is gaussian. The solid
red curve shows a fit to a model of the assumption that the
quasielastic peak is Cauchy distribution.
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FIG. 5. The quasielastic cross-section ratio
��� d�A/A
d�D/2

��� of iron to

deuteron as a function of the Bjorken variable xB. The exper-
imental data are taken from CLAS Collaboration [24]. The
dashed blue curve shows a fit to a model of the assumption
that the quasielastic peak is gaussian. The solid red curve
shows a fit to a model of the assumption that the quasielastic
peak is Cauchy distribution.

V. DISCUSSIONS AND SUMMARY

From our analysis based on the simple model of nu-
cleon momentum smearing, we find that the nuclear
Fermi momentum of deuteron is about half of that of
a heavy nucleus, while the Fermi momenta of aluminium
and iron are close to the Fermi momentum of heavy
nucleus around 250 MeV/c. An interesting question is
that whether or not the Fermi motion of the nucleon in
deuteron satisfies the Fermi gas model description.
In Fermi gas model, the Fermi momentum is directly

connected to the nuclear density. Based on Pauli ex-
clusion principle, the nucleon fermions fully occupy the
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Nuclear Fermi momentum is a basic property of a nucleus where many nucleons dwell. However,
in experiments only the nuclear Fermi momenta of just a few nuclei are measured using quasielastic
electron scattering on the nuclear targets so far. Particularly, we still do not know experimentally
the Fermi momentum of the lightest nucleon composite – the deuteron. In this paper, we apply both
gaussian distribution and Cauchy distribution to describe the quasielastic peak in the cross section
of electron-nucleus scattering. The dip of the cross-section ratio at about xB = 1 is explained with
the nuclear Fermi momentum. By performing the least-square fits to the published CLAS data in
the narrow kinematic region of quasielastic scattering, we obtain the nuclear Fermi momenta of
2H, 27Al and 56Fe, which are 116 ± 7 MeV/c, 232 ± 27 MeV/c, and 244 ± 28 MeV/c respectively.
The extracted nuclear Fermi momenta are compared to the simple calculations based on Fermi gas
model, and the consistencies are found.

I. INTRODUCTION

An atomic nucleus is a compact system composed of
nucleon fermions – protons and neutrons – under the
strong nuclear force. The Fermi statistic can be used
to describe the single particle motion inside the nucleus,
and the nuclear Fermi momentum is used to describe the
independent nucleon energy level near Fermi surface. In
a nucleus, the nucleons move with an average momentum
which is closely related to the nuclear Fermi momentum.
The motions of the nucleons a↵ect the scattering pro-
cesses under the high momentum transfer, such as the
quasielastic scattering [1–5], the transverse momentum
spectrum [6–8] and the deep inelastic scattering [9–12].
What is more? The better understanding of the nuclear
Fermi momentum helps us better classifying the high-
momentum tail of the nucleon momentum distribution
and the short-range correlations among the nucleons [13–
17], since the quasielastic scattering is sensitive to both
the single nucleon motion and the nucleon-nucleon cor-
relations. For a better understanding of the high energy
scattering experiments on the nuclear targets, the nuclear
Fermi motion e↵ect is one of the corrections that needs
to be made.

The nuclear Fermi momentum can be deduced via the
quasielastic scattering of a high energy electron on the
nuclear target [1–3], due to the weakly electromagnetic
interaction which does not disturb much the structure
of the target. The quasielastic scattering can simply be
viewed as the electron scattering from an individual and
moving nucleon in the Fermi sea, with the recoiling nu-
cleon going outside of the Fermi sphere (escaping from

⇤ liuhui@itp.ac.cn
† mann15@lzu.edu.cn
‡ rwang@impcas.ac.cn (corresponding author)

the nucleus for most of the cases). A quasielastic peak
dominates in the spectrum of the electron energy loss be-
low the continuum region caused by deep inelastic scat-
tering. The width of the quasielastic peak is broadened
by the Fermi motion of the nucleon, and the position of
the peak is influenced by the separation energy between
the struck nucleon and remanent nucleus [1–3]. Therefore
measuring the width of the quasielastic peak is the key
of extracting the nuclear Fermi momentum. Usually the
di↵erential cross section of quasielastic scattering is de-
scribed with the spectral function S(~k,E), where ~k and
E are the initial momentum and energy of the struck
nucleon respectively [5]. In plane-wave-impulse approx-
imation, the famous y-scaling for quasielastic scattering
implies the nucleonic degrees of freedom and the initial
nucleon momentum distribution [5, 18–21].

Extraction of the nuclear Fermi momentum gives us
some guidance in understanding the corresponding nu-
clear e↵ect in high energy experiments. To better under-
stand the complex underlying neutrino-nucleus interac-
tion, physicists have measured the quasielastic scattering
and resonance production on the Titanium and Argon
targets for the first time, at Hall A, JLab [22, 23]. Re-
cent high precision data of quasielastic scattering on the
deuteron and some heavy nuclei are provided by CLAS
collaboration with the facilities at JLab [24]. The ex-
periment was performed with 5 GeV electron beam hit-
ting a dual target system, with the scattered electrons
measured with CLAS spectrometer. Hence it is interest-
ing to look at the CLAS data for quasielastic scattering

peak at xB = Q2

2m! ⇠ 1, where Q2 and ! are the minus
four-momentum square and the energy of the exchanged
virtual photon respectively. The e-A quasielastic cross
sections are carefully given after acceptance corrections,
radiative corrections, Coulomb corrections, and bin cen-
tering corrections. In the recent publication [24], the
cross-section ratios are presented to quantify the nuclear
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Fermi Gas

• Pauli exclusion principle: No two fermions (spin 1/2 particles) can be 
in the same quantum state

• Heisenberg uncertainty principle: Dp.Dx »  => two states are 
indistinguishable if they occupy the same “cell” dV.d3p = h3 in 
“phase space” (except for factor 2 because of spin degree of 
freedom) => for volume V and “momentum volume” d3p = 4πp2dp we 
find for the Number of states between p…p+dp:

• Sirius B: pf = 670 keV/c for electrons (semi-relativistic - me = 511 keV/c2!)
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White Dwarf Stability

• If R decreases, gravitational energy more negative:

• …while kinetic energy goes up:

• Compare: Equilibrium if sum of derivatives = 0
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Shell Model 
- slides by Dr. Weinstein



Evidence for excited states



Nuclear 
Level 

Scheme



•  nucleons are bound 
• energy (E) distribution 
• shell structure 

•  nucleons are not static 
• momentum (k) distribution 

scan/test/nn_pot.agr 

repulsive core!

attractive part!

determined by the  
N-N potential 

on average: 
Net binding energy: ≈ 8 MeV 
distance: ≈ 2 fm 

long-range!

short-range!

d

rr

Structure of the nucleus 

Strong repulsion  
          NN correlations 

HUGS 2012 Nuclear Physics Weinstein 10 



(Maria Goeppert-Mayer, Jensen, 1949, Nobel Prize 1963) 

But:  there is experimental 
evidence for shell structure 

nucleons can not scatter into occupied levels: 
Suppression of collisions between nucleons 

Pauli Exclusion Principle: 

nuclear density 1018 kg/m3 

With the enormous strong force 
acting between them and with so 
many nucleons to collide with, how 
can nucleons possibly complete 
whole orbits without interacting? 

Shell Structure 

11 



Magnetic moments

• “Natural” unit: 1 nuclear magneton
• Classical prediction: µ = µNJ
• Generally: µ = µN gJ J
• Dirac/Relativity: for J = S, gS = 2 (pretty good for 

electrons)
• For protons, gS = 5.58 → anomalous moment 
k = (g-2)/2 = 1.79; for neutrons gS = -3.83 → 
k = -1.91 (huh? n is neutral!!!)

• Orbital motion only: gL = 1 (p), 0 (n)
• For nucleon w/ S,L,J: µ

µN
= gl ±

gs − gl
2l +1

⎛

⎝
⎜

⎞

⎠
⎟ j where j = l ± 1

2



   spectral function S(E,k): 
   probability of finding a proton with initial momentum k and  
   energy E in the nucleus 
•   factorizes into energy & momentum part 

•  single particle approximation: 
  nucleons move independently from each other  
  in an average potential created by the other nucleons (mean field) 

Z(E)

EEF

Z(k)

kkF

occupied      empty occupied     empty 

nuclear matter:!

Independent Particle Shell model (IPSM) 

nuclei: 

Not 100% accurate, but a good starting point 
HUGS 2012 Nuclear Physics Weinstein 12 

EF =
kF
2

2mp



Nuclei in the Cosmos

• When and where were all the known nuclei existing naturally on 
Earth produced?

• What kind of nuclear reactions are involved?
• What kind of stellar or galactic or Big Bang environments provide 

these reactions?
• How can we learn more about this with experiments on Earth?



The Structure of Matter
Ø What nuclei is the Universe made off?
Ø What nuclei where there in the beginning (right after 

the big bang)?
Ø When and how did nuclei important for life form?
Ø Where do heavy nuclei come from?



Where does 4He come from ?
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 ! What is dark matter, and how does it influence or is 

it influenced by nuclear burning and explosive stellar 

phenomena?

All of these questions are interrelated, sometimes tightly 

coupled, and nuclear physicists are making unique 

contributions in answering them.

THE ORIGIN OF THE ELEMENTS
The origin of the elements is one of the fundamental 

questions in science. The solar abundance distribution 

of the elements is a product of multiple nucleosynthesis 

events over the history of the universe. The identification 

of these processes and their astrophysical sites has 

been one of the main goals of the field (Figure 4.1).

Within the first few minutes of the Big Bang, in a rapidly 

expanding early universe, the primordial abundance 

distribution emerged, consisting of hydrogen, helium, 

and traces of lithium. These abundances provide a key 

signature for our understanding and interpretation of the 

early universe.

How did the universe evolve from an environment 

of only three elements to a world with the incredible 

chemical diversity of 84 elements that are the building 

blocks of planets and life? These elements were formed 

at the high density and high temperature conditions 

in the interior of stars. The first stars emerged a few 

hundred million years after the Big Bang. A lack of 

nuclear fuel caused their fast collapse, forming the 

first generations of supernovae. Recent observations 

detected the dust of one of the very early supernova 

explosions in our galaxy; a spectroscopic analysis of 

trace elements shows that carbon and oxygen, the 

elements that provide the basis for biological life many 

billions of years later on our earth, had been formed. 

Many star generations followed; as observations show, 

with each generation the abundance of heavy elements 

increases. This synthesis of the elements in the interior 

of stars follows a nuclear fuel cycle that is dictated 

by the fuel available and by the balance between the 

gravitational forces of the star and the interior pressure 

generated by the nuclear energy released. These 

conditions are reflected in the different burning phases 

that characterize the evolution of each star during the 

course of its life.

Figure 4.1: Development of the elemental abundances from the primordial abundances of the Big Bang, the abundances observed for the earliest star 
generations, the appearance of r-process abundance patterns in very old svtars, to the solar abundances observed today. Image credit: H. Schatz,  
Physics Today.

First “3” minutes:
§ quarks fuse to p, n 

(everything else decays)
§ p+n = d, d+p=3He, 3He+n = 4He
§ Competes with n decay (15 min) 

=> observed abundance = test of 
Big Bang models

§ Smattering of Li,…

“Ordinary” nucleosynthesis in stars 
(like the sun):
p+p = d + e+ + n -> 4He, …



C, N, O: Elements for Life

• How do you form C?
– Core runs out of H fuel, compacts and heats up
– “Helium burning”: a + a + a = 12C 
– a + a = 8Be? Unbound! => Crucial importance of 

Hoyle state (3-dim structure recently discovered) 

• From C to oxygen
• Other elements
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THE LIFE OF STARS
The first phase of hydrogen burning characterizes 

the so-called main sequence stars. Low mass main 

sequence stars generate energy through the pp-chains, 

direct fusion reactions between hydrogen isotopes 

forming helium. Weak interaction processes in the 

reaction sequence produce neutrinos that have been 

observed with neutrino detectors such as Sudbury 

Neutrino Observatory (SNO), SuperKamiokande, and 

Borexino. These measure ments provide a unique view 

into the interior of stars. For more massive stars the 

pp-chains are not sufficient in providing the energy 

necessary for stabilizing the star against collapse. In 

these cases, a second catalytic reaction sequence—the 

CNO cycles—dominates the conversion of hydrogen 

into helium. The CNO cycle stabilizes stars more 

massive than our sun, such as Sirius, Vega, and Spica 

to name just a few visible in the Northern Hemisphere. 

The reaction rates defining the CNO cycle are highly 

uncertain and require experimental confirmation.

When a star’s hydrogen fuel diminishes, the core 

contracts, and the nuclear burning zone extends 

outwards. The star evolves into a red giant. The increase 

in the temperature and density of the stellar core sets 

the stage for the next burning cycle. Helium is the ash 

of hydrogen burning; it will undergo fusion to carbon 

through the triple-alpha-process and to oxygen through 

a subsequent alpha capture (Sidebar 4.1). The best 

known example of a red giant star is Betelgeuse in the 

Orion constellation. When all the helium in the core 

is converted to carbon and oxygen, further energy 

production has to come from the fusion reactions 

involving these heavier nuclear species. These reactions 

can occur only in massive stars as shown in Figure 4.2. 

In low mass stars the nuclear burning stops, and they 

contract under their own gravity into white dwarfs that 

are stabilized by their internal electron capture. In more 

massive stars, temperature and density conditions can 

be reached where nuclear burning of carbon, oxygen, 

and even heavier species can proceed. This phase is 

followed by neon burning, oxygen burning, and silicon 

burning, all proceeding toward nuclei in the iron peak 

(i.e., species at the peak of nuclear binding energy).

The rates of nuclear reactions that dictate the fuel 

consumption, and, therefore, determine the energy 

production and lifetime of the various stellar evolutions 

phases as well as those that determine the change in 

chemical composition, still carry large uncertainties. 

These reactions have extremely low cross sections. 

Their measurement can only be pursued in deep 

underground laboratories that provide shielding from 

cosmic radiation background. Enormous progress has 

been made over the last decade in developing new 

techniques for these studies, but many critical questions 

remain unanswered. A high-intensity underground 

accelerator would be essential for addressing the 

broad range of experimental questions associated with 

the nucleosynthesis in stars.

Figure 4.2: Super asymptotic giant branch stars form the boundary between stars whose final fate is a white dwarf and stars whose final fate is a massive 
star supernova explosion. Left: Structure of a super asymptotic giant branch star with a carbon/oxygen burning core, surrounded by a layer of helium, 
which is then surrounded by a hydrogen envelope. The right-hand figure demonstrates the time evolution of several episodes of carbon burning flashes 
travelling towards the core at that stage. Regions in red are undergoing vigorous burning, purple are regions which are cooling, and light blue are regions of 
convection. Image credit: Rob Farmer, Carl Fields, Frank Timmes.

The Hoyle state is an excited, spin-0, resonant state of carbon-12. It is produced via 
the triple-alpha process and was predicted to exist by Fred Hoyle in 1954.[3] The existence 
of this 7.7 MeV resonance is essential for the nucleosynthesis of carbon in helium-
burning stars and predicts an amount of carbon production which matches observations. 
The existence of the Hoyle state has been confirmed experimentally, but its precise 
properties are still being investigated.[4]

The Hoyle state is populated when a helium-4 nucleus fuses with a beryllium-8 nucleus in 
a high-temperature (108 K) environment with densely concentrated (105 g/cm3) helium. As 
a consequence of the short half-life of 8Be, two helium nuclei fusing into it must be 
followed within ~10−16 seconds by a third, forming carbon. The Hoyle state also is a short-
lived resonance with a half-life of 2.4×10−16 s; it primarily decays back into its three 
constituent alpha particles, though 0.0413% of decays (or 1 in 2421.3) occur by emission 
of gamma rays into the ground state of 12C.[5]

In 2011, an ab initio calculation of the low-lying states of carbon-12 found (in addition to 
the ground and excited spin-2 state) a resonance with all of the properties of the Hoyle 
state 

https://en.wikipedia.org/wiki/Resonance_(particle_physics)
https://en.wikipedia.org/wiki/Triple-alpha_process
https://en.wikipedia.org/wiki/Triple-alpha_process
https://en.wikipedia.org/wiki/Triple-alpha_process
https://en.wikipedia.org/wiki/Fred_Hoyle
https://en.wikipedia.org/wiki/Carbon-12
https://en.wikipedia.org/wiki/Nucleosynthesis
https://en.wikipedia.org/wiki/Star
https://en.wikipedia.org/wiki/Carbon-12
https://en.wikipedia.org/wiki/Helium-4
https://en.wikipedia.org/wiki/Helium-4
https://en.wikipedia.org/wiki/Helium-4
https://en.wikipedia.org/wiki/Beryllium-8
https://en.wikipedia.org/wiki/Beryllium-8
https://en.wikipedia.org/wiki/Beryllium-8
https://en.wikipedia.org/wiki/Kelvin
https://en.wikipedia.org/wiki/Alpha_particle
https://en.wikipedia.org/wiki/Gamma_ray
https://en.wikipedia.org/wiki/Carbon-12
https://en.wikipedia.org/wiki/Ab_initio_methods_(nuclear_physics)
https://en.wikipedia.org/wiki/Ground_state
https://en.wikipedia.org/wiki/Excited_state


C, N, O: Elements for Life

• Carbon/Oxygen ratio in our universe?
• What reaction do we need to study?
• What is the problem?
• What do we need to study it?
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Sidebar 4.1: The Carbon-to-Oxygen Ratio in Our Universe
A fundamental question for nuclear astrophysics is 

the ratio of 12C to 16O that emerges in the very first 

generations of stars. This ratio is not only important 

for the development of the chemical building blocks 

of life but also for the entire scheme and sequence of 

nucleosynthesis events as we imagine them now. The 

carbon-to-oxygen ratio determines the sequence of 

late stellar evolution phases for the massive stars that 

give rise to core collapse supernovae. It determines 

the ignition and burning conditions in Type Ia 

(thermonuclear) supernovae, and it dictates conditions 

for the ignition of so-called superbursts observed in 

accreting neutron stars. Carbon induced reactions 

are, therefore, of extreme importance for our entire 

understanding or interpretation of nucleosynthesis 

patterns and the identification of nucleosynthesis sites.

Present extrapolation of the reaction rates associated 

with the 12C/16O ratio from the presently existing 

data depends very much on the reliability of nuclear 

structure and reaction models, which introduce orders 

of magnitude uncertainty into the predictions. This 

problem has been well known for decades, and its 

solution requires new experimental efforts in a cosmic-

ray-background-free (deep underground) environment 

to provide the necessary experimental conditions for 

putting to rest the question associated with low-energy 

carbon capture and fusion reactions.

The oldest known star (arrow in left picture), with an age of about 13.6 billion years, is located in our Milky Way at a distance of 6000 light years from 
the sun. Its abundance pattern (right picture) proves early stellar nucleosynthesis of light elements like carbon and oxygen. Image credit: Timothy Beers.

THE DEATH OF STARS
Another frontier in nuclear astrophysics is the study 

of nuclear processes that drive stellar explosions. 

There are two kinds of explosions, the core collapse of 

massive stars at the end of their lives and thermonu clear 

explosions as a consequence of stellar accretion. The 

core collapse of a massive star is caused by neutrino 

energy losses exceeding the energy generation rate 

from nuclear burning. The cores of these stars are 

refrigerated, their entropy is lowered, and the internal 

pressure support is entirely defined by relativistically 

degenerate electrons. According to W. A. Fowler and 

F. Hoyle, the cores of these stars are “trembling on the 

verge of instability.” The core will collapse, either through 

that instability or by destabilization through electron 

capture on heavy nuclei.

The core density will reach nuclear densities in 

about one second, producing a hot proto-neutron 

star generating a high flux of neutrinos. While the 

core remains as a neutron star, the neutrino flux, in 

total comprising about 1058 neutrinos, drives energy 

deposition in the surrounding material and produces a 

supernova explosion. Detection with the large detectors 

of today and the future of such a neutrino burst from a 

nearby supernova could provide critical insights into the 

explosion mechanism and valuable information about 

the properties of neutrinos. The core bounce conditions 



Heavier elements – the r process
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Sidebar 4.2: The Origin of Heavy Elements
A fundamental question for nuclear astrophysics is the 

origin of the neutron-rich elements heavier than iron. 

These heavy elements are mostly produced either by a 

slow neutron capture process (the s-process) that takes 

place during helium and carbon burning phases of stellar 

evolution or by a rapid neutron capture process (the 

r-process) that requires a much higher temperature and 

density environment. The latter can only be associated 

with violent events generating high neutron excess. 

The masses (binding energies) and the lifetimes of 

nuclei along the r-process path are the most important 

microscopic parameters for theoretical simulations. 

These inputs are currently taken from extrapolations 

based on theoretical models. Experiments at existing 

facilities on isotopes near the r-process path show us 

that these extrapolations are highly uncertain and may 

lead to faulty conclusions about the r-process conditions.

New constraints are coming from large aperture 

observatories such as the Hubble Telescope, the 

VLT, Keck, Subaru, and Magellan observatories. 

Observations of early-generation stars (see figure) 

indicate a heavy-element abundance distribution that 

matches the patterns in the higher mass range, albeit 

not the absolute abundances of the r-process element 

abundance distribution in our sun. This suggests that 

there may be a unique site for the r-process. The 

nature of the actual astrophysical site of the r-process 

has been a matter of fierce scientific debate for many 

decades. Both the neutrino wind driven ejecta from 

a core collapse supernova and the violent collision 

of merging neutron stars could conceivably provide 

conditions for an r-process to occur—depending on 

many uncertain issues in nuclear and neutrino physics. 

Improved nuclear physics data from FRIB are crucial to 

make detailed predictions and to determine potential 

features for identifying the actual site. The r-process site 

is a critical issue in which observational, modeling, and 

experimental data are essential to reach a solution to 

an important and long-standing astronomical problem. 

The nuclear physics studies, in combination with signals 

from Advanced LIGO, will determine whether neutron 

star mergers can be a significant source of r-process 

elements.
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Sidebar 4.3: Advanced LIGO and Nuclear Physics
The detection of gravitational radiation from the violent 

merging of neutron stars in binary systems could have 

profound implications for nuclear astrophysics. We 

expect such mergers to be rare events in a galaxy 

like ours, perhaps happening once per 10 thousand 

to 1 million years. Fortuitously, the Advanced Laser 

Interferometer Gravitational-Wave Observatory 

(Advanced LIGO) will very soon be able to detect 

gravitational waves from these events out to a distance 

of 200 megaparsecs, a volume encompassing some 

millions of galaxies. In fact, the first observable from this 

observatory will be the rate of neutron star mergers, a 

key parameter in differentiating between sites proposed 

for the origin of the heaviest nuclei, like uranium. We 

have known for more than 50 years that roughly half 

the nuclei with mass numbers greater than 100 originate 

in the r-process. It is a vexing problem that we know 

the r-process happens, but we do not know where it 

happens. Proposed production sites have centered 

on astrophysical environments either having abundant 

free neutrons or where neutrino or nuclear reactions 

can mine neutrons from lighter nuclei. Core collapse 

supernovae, which happen about once per century in 

our galaxy, and the much less frequent neutron star 

mergers are the leading candidate sites. Whatever 

site or sites contribute, 10 thousand solar masses of 

r-process nuclei must be synthesized in our galaxy in 

10 billion years. That datum, combined with an Advanced 

LIGO-inferred observed merger rate, could tell us 

whether mergers are a significant r-process source. If 

the r-process nuclei originate in neutron star mergers, 

the observed local rate of these events, combined with 

abundance observations at high redshift from the next 

generation of ground-based telescopes, may suggest a 

higher rate of compact object mergers in the past.

The gravitational waves that Advanced LIGO will observe 

come from violent motions of matter at nuclear density. 

As a result, the details of the observed neutron star in-

spiral gravitational-wave signal may provide insights into 

the nature and behavior of ultradense neutron matter 

and the general conditions in the merger environment. 

In both mergers and core collapse supernovae, weak 

interactions, neutrino flavor physics, and neutrino-

nucleus processes are key ingredients in understanding 

r-process nucleosynthesis. Knowing more about the 

merger environment can help guide this research.
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 ! What is dark matter, and how does it influence or is 

it influenced by nuclear burning and explosive stellar 

phenomena?

All of these questions are interrelated, sometimes tightly 

coupled, and nuclear physicists are making unique 

contributions in answering them.

THE ORIGIN OF THE ELEMENTS
The origin of the elements is one of the fundamental 

questions in science. The solar abundance distribution 

of the elements is a product of multiple nucleosynthesis 

events over the history of the universe. The identification 

of these processes and their astrophysical sites has 

been one of the main goals of the field (Figure 4.1).

Within the first few minutes of the Big Bang, in a rapidly 

expanding early universe, the primordial abundance 

distribution emerged, consisting of hydrogen, helium, 

and traces of lithium. These abundances provide a key 

signature for our understanding and interpretation of the 

early universe.

How did the universe evolve from an environment 

of only three elements to a world with the incredible 

chemical diversity of 84 elements that are the building 

blocks of planets and life? These elements were formed 

at the high density and high temperature conditions 

in the interior of stars. The first stars emerged a few 

hundred million years after the Big Bang. A lack of 

nuclear fuel caused their fast collapse, forming the 

first generations of supernovae. Recent observations 

detected the dust of one of the very early supernova 

explosions in our galaxy; a spectroscopic analysis of 

trace elements shows that carbon and oxygen, the 

elements that provide the basis for biological life many 

billions of years later on our earth, had been formed. 

Many star generations followed; as observations show, 

with each generation the abundance of heavy elements 

increases. This synthesis of the elements in the interior 

of stars follows a nuclear fuel cycle that is dictated 

by the fuel available and by the balance between the 

gravitational forces of the star and the interior pressure 

generated by the nuclear energy released. These 

conditions are reflected in the different burning phases 

that characterize the evolution of each star during the 

course of its life.

Figure 4.1: Development of the elemental abundances from the primordial abundances of the Big Bang, the abundances observed for the earliest star 
generations, the appearance of r-process abundance patterns in very old svtars, to the solar abundances observed today. Image credit: H. Schatz,  
Physics Today.

• What is the r-
process?

• What kind of nuclei 
do we need to study 
to understand it?

• What are possible 
sites for it?

• How can LIGO 
help?



Neutron Stars and Nuclear Pasta
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Sidebar 3.2: Neutron Stars, Nuclear Pasta, and Neutron-Rich Nuclei and Matter
Neutron stars are extraordinary nuclear laboratories. 

They are more massive than our sun but only measure 

about 20 km across. The tremendous gravitational 

forces squeeze matter in its core to supranuclear 

density (>7 × 1014 g/cm3), exposing properties of the 

nuclear force not otherwise encountered. Remarkably, 

our very existence depends on these properties as the 

heaviest neutron-rich elements in the universe are likely 

synthesized in the vicinity of neutron stars during their 

birth in a supernova and during rare collisions with other 

neutron stars or black holes.

A neutron star is 18 orders of magnitude larger and 

55 orders of magnitude more massive than a nucleus 

such as 208Pb. Nevertheless, both the star and the 

nucleus have the same constituents, the same strong 

interactions, and the same relationship between 

pressure and density. As a result, a remarkable model 

correlation is observed between the calculated neutron 

radius of 208Pb and the neutron star radius. This 

correlation is illustrated in the figure.

Because neutron stars are so compact, they heat, flare 

up, and cool rapidly, making them easy for astronomers 

to study. For example, the outer layers of neutron stars 

that intermittently accrete from a sunlike companion 

star are observed to cool over a few years’ time. This 

rapid cooling suggests that these outer layers are good 

thermal conductors. At lower densities near the surface 

of the star, the outer region, known as crust, is made 

of conventional atomic nuclei. In the denser regions of 

the crust with densities near 1014 g/cm3 (100 trillion times 

that of water), these nuclei start to touch. Here, strong 

nuclear attraction and electrostatic repulsion compete 

to rearrange nearly spherical nuclei into flat platelike 

(lasagna), rodlike (spaghetti), or more complex shapes, 

collectively referred to as the nuclear pasta. Theoretical 

simulations of nuclear pasta (see Figure) have shed new 

light on the structure of matter in this regime, the extent 

of disorder that can be sustained, and the influence 

of superfluidity and collective motion on the matter’s 

low temperature properties. These developments 

have far-reaching implications that extend beyond 

nuclear physics. By establishing connections between 

nuclei and neutron stars, advanced theory has shown 

in recent years that properties of neutron-rich nuclei 

and neutron-rich matter influence diverse observable 

phenomena such as supernova neutrinos, heavy-

element nucleosynthesis, electromagnetic radiations 

from transient astronomical events, and the generation 

of gravitational waves.
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for the in-falling material in this collapse scenario 

depend on the equation of state, particularly on the 

incompressibility of neutron star matter. The bounce-

initiated and neutrino-revived shockwave traverses the 

outer layers of the star, generating conditions that lead 

to multiple nucleosynthetic pathways behind the shock 

(see Sidebar 4.2).

Thermonuclear explosions are driven by accretion 

of light element fuel in binary star systems onto a 

compact star, either a white dwarf or neutron star whose 

abundance pattern is defined by its nucleosynthesis 

history. Such events are observed as novae and X-ray 

bursts, respectively. Within a few seconds the light fuel 

material ignites and is converted by rapid alpha and 

proton capture reactions to a heavy element isotope 

distribution. The timescale of the burst, the endpoint, 

and the final abundance distribution depend upon the 

nuclear reaction and decay rates along the reaction 

path. Measurements of the key reaction cross sections 

are crucial for interpreting the burst characteristics, 

but successful measurements require the high beam 

intensities anticipated for FRIB.

The Type Ia supernova is interpreted as a 

thermonuclear-energy-driven explosion. In this case, 

carbon/oxygen burning ignition takes place near the 

center of a white dwarf star. Ignition and propagation 

of the burning front in this explosion depend on the 

abundance composition of post-helium burning stars. 

The rates for the fusion reactions between carbon and 

oxygen nuclei that are important for igniting and driving 

the burning front are uncertain for the temperature 

range anticipated for such an event. The flame front 

propagation speed depends on additional reactions, 

namely alpha capture reactions that require further 

experimental studies.

Merging neutron stars can be considered an extreme 

case of accretion. Two neutron stars in a double star 

system spiral into each other under the influence of 

their gravitational potential. The merging of the two 

stars generates extreme density conditions, prodigious 

neutrino emission as in core collapse supernovae, and, 

likely, very high neutron flux conditions suitable for a 

rapid neutron capture process, or r-process, with the 

reaction products being dynamically ejected by tidal 

and pressure forces during the merger. Detecting these 

events and the event rate with new instruments such 

as the Advanced Laser Interfermometer Gravitation-

Wave Observatory (LIGO) will provide us with important 

information on the possibility of identifying these events 

as r-process sites (see Sidebar 4.3).

All these explosive events occur rapidly on a timescale 

of a few seconds. This prevents radioactive nuclei 

formed in the explosion from decaying within this short 

period. They become part of the sequence of nuclear 

reactions that develop far beyond the limits of nuclear 

stability. A study of these reactions, and of the decay 

and structure characteristics of the nuclei along the 

reaction path, provides fundamental insight into the 

nature of these processes, the rapid timescale of the 

explosion, the associated energy release, and, of course, 

nucleosynthesis. FRIB will provide the beam intensities 

for a direct study of key reactions and key nuclei 

necessary for understanding the specific nature of 

the nuclear pathway during an explosive event and, 

through comparison with the emerging abundance 

distribution, the nature of the astronomical site and 

the conditions during the explosion.

THE MATTER OF NEUTRON STARS
The physics of neutron stars is of particular interest to 

the nuclear physics community. Indeed, the structure and 

composition of neutron stars in hydrostatic equilibrium 

are uniquely determined by the equation of state (EOS) 

of neutron-rich matter, namely, the relation between the 

pressure and energy density. Measurements of neutron-

star masses and radii place significant constraints on 

the EOS (Figure 4.3). Conversely, future measurement of 

both masses and the neutron-rich skin of exotic nuclei at 

FRIB will provide critical insights into the composition of 

the neutron star crust.

Figure 4.3: Astrophysical measurements of masses and radii of neutron 
stars can provide key insights into the equation of ultra-dense neutron star 
matter. Image credit: P.B. Demorest et al. Nature 467, 1081 (2010).

n stars = End states of star collapse for stars > several solar masses (supernovae)
Gigantic nuclei: A = 1057 (but superdense core due to gravity >> nuclear force!)

models of neutron stars + observed masses

Measuring the n radius of lead to predict the radius of a n star
Nuclear Pasta
(crust of n star)



Summary
• Much already known about nuclear processes in the 

universe
• Still more information needed: cross sections of very rare 

processes, properties for very exotic nuclei, equation of 
state of nuclear matter, r-process sites,…

• Tools: low energy accelerators (future: underground!), rare 
isotope facilities (FRIB!), parity violating electron scattering 
(JLab), LIGO


